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ABSTRACT
The most powerful tests of stellar models come from the brightest stars in the sky, for which
complementary techniques, such as astrometry, asteroseismology, spectroscopy, and inter-
ferometry can be combined. The K2 Mission is providing a unique opportunity to obtain
high-precision photometric time series for bright stars along the ecliptic. However, bright tar-
gets require a large number of pixels to capture the entirety of the stellar flux, and bandwidth
restrictions limit the number and brightness of stars that can be observed. To overcome this,
we have developed a new photometric technique, that we call halo photometry, to observe very
bright stars using a limited number of pixels. Halo photometry is simple, fast and does not
require extensive pixel allocation, and will allow us to use K2 and other photometric missions,
such as TESS, to observe very bright stars for asteroseismology and to search for transiting
exoplanets. We apply this method to the seven brightest stars in the Pleiades open cluster.
Each star exhibits variability; six of the stars show what are most-likely slowly pulsating B-
star (SPB) pulsations, with amplitudes ranging from 20 to 2000 ppm. For the star Maia, we
demonstrate the utility of combining K2 photometry with spectroscopy and interferometry to
show that it is not a ‘Maia variable’, and to establish that its variability is caused by rotational
modulation of a large chemical spot on a 10 d time scale.
Key words: asteroseismology – techniques:photometric – stars: individual: Alcyone, At-
las, Electra, Maia, Merope, Taygeta, Pleione – stars: variables: general – open clusters and
associations: individual: Pleiades
? E-mail: tim@phys.au.dk
1 INTRODUCTION
The Kepler mission (Borucki et al. 2010), which had the pri-
mary purpose of detecting Earth-like planets via the transit method,
© 2017 The Authors
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has also been a boon for stellar astrophysics by providing precise
photometric light curves for studying stellar variability across the
Hertzsprung-Russell (H-R) diagram. In particular, Kepler has ad-
vanced our understanding of B-type stars building on earlier work
with theMOST (e.g. Walker et al. 2005; Aerts et al. 2006; Saio et al.
2006) andCoRoT (e.g. Huat et al. 2009;Neiner et al. 2009;Degroote
et al. 2009, 2010) space telescopes. Slowly pulsating B (SPB) stars,
first identified by Waelkens (1991), are of particular interest. They
pulsate in high-order gravity modes excited by the κ-mechanism
operating on the opacity-bump associated with iron-group elements
(Dziembowski et al. 1993; Gautschy & Saio 1993), and are sen-
sitive probes of the physical properties of the stellar core (Miglio
et al. 2008). They can therefore shed light on poorly-understood
processes that take place around the core, including overshooting,
diffusive mixing, and internal differential rotation. These processes
have a substantial impact on stellar lifetimes. While Kepler has
revealed variability in dozens of B stars (Debosscher et al. 2011;
Balona et al. 2011; McNamara et al. 2012), the greatest impact has
stemmed not from the quantity of observed stars, but from the high
quality of the long, nearly-uninterrupted time series. In particular,
careful analysis of the oscillation spectra of SPB stars has revealed
the fingerprints of internal rotation and mixing processes in the
cores of these stars (Pápics et al. 2014, 2015, 2017), enabling tests
of prescriptions of mixing (Moravveji et al. 2015, 2016) and the
derivation of internal rotational profiles (Triana et al. 2015).
The nominal Kepler mission ended when the loss of two re-
action wheels meant the telescope could no longer maintain stable
pointing in its original field. However, by aligning the telescope
along its orbital plane, the disturbing torque of solar pressure on
the roll axis is minimized. This allows for relatively stable pointing
controlled periodically by thrusters about the roll axis, and with the
remaining two reaction wheels for the other axes. With this method
of operation, the K2mission is conducting a series of approximately
80-day-long photometric observing campaigns in fields along the
ecliptic (Howell et al. 2014), providing newopportunities for search-
ing for exoplanets and investigating stellar variability across the H-R
diagram.
The brightest stars (V . 6.0mag) in the K2 fields are partic-
ularly desirable targets because these stars are the most amenable
to complementary observations, including polarimetry and interfer-
ometry. The combination of asteroseismology with other modes of
observation places strong constraints on stellar properties, by lifting
degeneracies, and dependencies on stellar models (e.g. Cunha et al.
2007). These well-characterized stars therefore provide the most
stringent tests of stellar models, and can be used to examine internal
processes (e.g. Hjørringgaard et al. 2017).
These bright stars also offer unique opportunities to precisely
characterize transiting exoplanets and their atmospheres, as has been
done with the well-studied 55 Cnc e (discovered to transit by Winn
et al. 2011; Demory et al. 2011), which orbits a V = 5.95mag star.
Demory et al. (2016b) have shown the planet to have an extremely
large temperature gradient and Demory et al. (2016a) have shown
it displays variability in thermal emission from its dayside atmo-
sphere. Only two known planets transit a brighter star, HD 219134
(V = 5.57; Motalebi et al. 2015; Gillon et al. 2017), and adding even
one new candidate to this list would be a significant breakthrough
for exoplanetary science.
However, observations of bright stars present unique chal-
lenges. Most significantly, telemetric bandwidth limitations restrict
the amount of data that can be downloaded from the Kepler space-
craft. Pixels are only downloaded from ‘postage stamps’ around
pre-selected targets. The Kepler CCDs saturate for stars with Kp .
11–12mag, with excess flux bleeding along CCD columns. To re-
cover the entirety of the stellar flux, the postage stamps for bright
starsmust include long bleed columns, thereby requiring a very large
number of pixels. Consequently, data from few of the brightest stars
are ordinarily selected to be downloaded. For the nominal Kepler
mission, the field was even chosen to avoid as many bright stars as
possible to minimize the impact they would have on the primary,
planet-finding mission (Koch et al. 2010). Of the 14 stars on active
silicon brighter than Kp= 6mag, only θ Cyg (Guzik et al. 2016),
V380Cyg (Tkachenko et al. 2012), and 16CygA (Metcalfe et al.
2012) were targeted over multiple observing quarters, HD185351
(Johnson et al. 2014), and HR7322 (Stokholm et al. in prepara-
tion) were only observed for a single quarter in short cadence mode
(58.85 s sampling), and nine stars were completely unobserved.
The desire to observe the brightest possible targets therefore
calls for novel methods to recover light curves from an economi-
cally feasible number of pixels. Pope et al. (2016a) recently showed
that light curves of bright stars can be recovered from Kepler cali-
bration ‘smear’ data, allowing for the observation of stars that were
not specifically targeted. While a very valuable method and going
a long way to solving this problem, it has a few drawbacks that lead
us to continue to pursue other methods. One such drawback is the
much shorter integration time and small number of pixels used for
smear measurements, which leads to lower photometric precision
with a photon noise equivalent to a star ∼ 6.7 mag fainter. Another
is that smear measurements are made along CCD columns, so tar-
gets falling on the same columns are confused. This is a particular
concern in clusters, such as the Pleiades, and in the crowded K2
fields in the galactic plane. Finally, the bleed columns of bright
stars, particularly those near the edge of the CCD, can also saturate
the smear pixels in those columns, rendering them useless.
Another method has been developed by Aerts et al. (2017) to
observe theO9.5Iab star HD188209withKepler. ThisV = 5.63mag
supergiant was intentionally placed between CCDs during the nom-
inal Kepler mission. Nevertheless, scattered light from this bright
star ‘contaminated’ two nearby targets on active silicon, allowing
for the variability in the supergiant to be successfully recovered.
We have developed this idea further with a new method that
uses the flux recorded by non-saturated pixels in the halo surround-
ing a bright star. In this paper, we show that stellar variability may
be successfully observed with this limited aperture, despite los-
ing much of the stellar flux. While this method is susceptible to
aperture losses, compounded by systematics inherent in the K2
mission, namely pointing drifts and inter- and intra-pixel sensitivity
variation, we show that appropriate weighting of the contributions
from each pixel can effectively neutralize these effects. To illus-
trate this method, we have applied it to the seven brightest stars in
the Pleiades, all of which are late B-type stars, and were observed
during K2 Campaign 4.
2 HALO PHOTOMETRY
2.1 Data
K2 Campaign 4 observed a field in the direction of the constellation
Taurus from 2015 February 8 to 2015 April 20. Fig. 1(a) shows
the full-frame image of the Pleiades open cluster (M45) on the two
CCDs of Module 15 of the Kepler spacecraft. The seven brightest
stars, ranging from Kp= 2.99 to 5.19 mag (Huber et al. 2016), were
each targeted with a circular aperture with a radius of 20 pixels, and
observed in long cadence mode (29.4min sampling). Each aperture
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Figure 1. (a) Full frame image of Module 15 at the beginning of K2 Campaign 4. The target pixel masks around the seven brightest stars in the Pleiades are
indicated: Alcyone (red), Atlas (orange), Electra (yellow), Maia (green), Merope (light blue), Taygeta (dark blue), and Pleione (pink). (b) Target pixel mask
and Kepler image of Alcyone. Segments of the light curves of the four highlighted pixels are shown in Fig. 2. (c) Optimal weights for the Alcyone light curve.
Red pixels have been up-weighted, while blue pixels have been down-weighted.
consists of 1245 pixels, an allocation equivalent to approximately
six to twelve Kp= 12mag stars. In contrast, a Kp= 4mag star with
a regular mask would require approximately 23400 pixels to capture
the entirety of its almost 1400-pixel-long bleed column. Electra and
Merope were near the edge of the CCD, and their target apertures
were truncated along one side by several columns. Fainter cluster
members were targeted with regular apertures. A detailed investi-
gation of the rotation of these stars using K2 data has been recently
reported (Rebull et al. 2016a,b; Stauffer et al. 2016). Fig. 1(b) shows
the image of Alcyone within the aperture. The central columns are
saturated. Additionally, pixels in column 668 are saturated by the
bleed column of the nearby star 24 Tau. We construct each light
curve from the unsaturated pixels in the halo. Three-day segments
of the light curves of the four pixels highlighted in Fig. 1(b) are
shown in Fig. 2. The light curve of each pixel clearly shows the
change in flux caused by the pointing drift, with corrections made
by thruster firings at ∼6 h intervals. Further details of K2 data char-
acteristics are provided by Van Cleve et al. (2016).
The simple aperture photometry light curve using all the pixels
within the target pixel mask is shown in Fig. 3(a). A large oscillatory
signal correlated with the pointing drift is apparent in this light
curve, and is caused by aperture losses as Alcyone moves across the
mask.
Several pipelines have been developed to process K2 data and
remove these pointing-drift systematics, such as k2sff (Vanderburg
& Johnson 2014),k2p2 (Lund et al. 2015),k2sc (Aigrain et al. 2015,
2016), k2varcat (Armstrong et al. 2015), k2phot (Van Eylen et al.
2016), and everest (Luger et al. 2016, 2017). While these methods
have been highly-successful for fainter stars, even approaching the
photometric precision of the nominal Kepler mission, they have
substantial difficulties when dealing with the large aperture losses
that arise with these target pixel masks. Fig. 3(b) shows a segment
of the Alcyone light curve after processing with the k2sc pipeline.
Although the signal due to the pointing drift has been substantially
reduced in this light curve, it has not been completely removed and
still dominates the stellar signal. An alternative photometric method
is required.
2.2 Method
Each circular aperture is dominated by the light of the bright central
star it contains. The first major feature is saturation, where each
of the core pixels bleeds flux in both directions along its column.
Even for very saturated targets, this process is conservative, with
the consequence that extremely elongated apertures have been used
to perform photometry at the cost of many pixels (Kolenberg et al.
2011). Other than this, there is a complex, position-dependent point
spread function (PSF), resulting from both the usual diffraction
through the limited telescope aperture and from multiple orders of
reflection in the telescope optics, which makes a significant contri-
bution for these bright stars. To first order, this resembles an image
of the telescope pupil; higher orders of reflection impose structure
MNRAS 000, 1–20 (2017)
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Figure 2. Three day segments of the four pixels highlighted in Fig. 1(b).
The pixel coordinates are labelled. The drift signal clearly dominates, but
is anti-correlated on either side of the roll motion, which is primarily from
left-to-right in this figure.
related to the focal plane CCD array, and multiple distorted images
of both the array and the pupil. It is therefore not straightforward
to model the PSF to perform photometry (Bryson et al. 2010), as
is common in other contexts (Schechter et al. 1993) and has been
previously done with Kepler (Libralato et al. 2016). Instead, we
adopt a different approach to optimally extract a light curve from
this complex ‘halo’ of scattered light.
As seen in Fig. 2, the pointing drift signal is anti-correlated
on either side of the roll motion, while the stellar signal will be
correlated across the aperture. This means we can separate the
spatially-dependent pointing drift signal from the stellar signal and
other instrumental signals thatmay be correlated across the aperture,
such as focus drift. On this basis, we propose a new method to con-
struct a light curve from a weighted sum of the non-saturated pixels,
with the weights chosen to minimize pointing systematics and aper-
ture losses. This is therefore a simultaneous method for aperture
photometry and systematics correction, which are ordinarily done
in separate stages. We refer to this method as halo photometry.
The flux fi of the final light curve at each observation i is
chosen to be
fi =
M∑
j=1
wj pi j, (1)
where wj is the weight of pixel j, pi j is the flux in pixel j at
observation i, and M is the number of pixels. The weights wj are
all defined to be positive and their sum is constrained to be unity. If
the weights were all constant, this would reduce to simple aperture
photometry. Instead, we have a soft aperture, and a suitable objective
function must then be defined in order to find the optimal weights,
of which several choices are possible. While a band-limited PSF
would allow for negative weights in principle, we constrain these to
be strictly positive in order to avoid signal self-subtraction.
Noting that the jumps caused by the thruster firings in K2
are large and sudden, whereas stellar variability is generally more
gradual, we are inspired to consider minimizing the differences
between consecutive observations across the time series, that is, we
minimize the normalized first-order total variation (TV) of fluxes
given by
TV =
∑N
i=1 | fi − fi−1 |∑N
i=1 fi
, (2)
where N is the total number of observations. Because the jumps oc-
cur in opposite directions on either side of the roll motion, and the
Figure 3.Six day segment of theAlcyone light curve processedwith different
methods: (a) raw simple aperture photometry, (b) the k2sc pipeline, (c) halo
photometry, and (d) halo photometry with post-processing with k2sc. Note
the change in scale between panels.
wide diversity in pixels can compensate for inter- and intra-pixel sen-
sitivity variation, the right combination of weights can effectively
remove jumps. Furthermore, because stellar variability is present in
all pixels and the weights are constrained to be positive, it is hard
to spuriously suppress real stellar variability, even in cases where
this variability is sudden such as a flare or transit event. We also
consider second-order TV, where centred second finite differences
replace first differences as above. Higher orders can likewise be de-
fined, but in practice, we find that first or second order differences
are sufficient for our present purpose. We note that TV need not
be normalized by the mean flux term we include in the denomina-
tor, but we introduce this normalization to avoid finding the trivial
solution where dark pixels are chosen to minimize total flux and
therefore spuriously minimize absolute TV. We apply a sequential
least squares programming algorithm implemented in SciPy (Jones
et al. 2001) to find the weights that minimize equation (2), and the
algorithm converges quickly on a modern laptop.
Fig. 1(c) shows the final weights for the light curve of Alcyone,
with up-weighted pixels shown by red shades, while down-weighted
pixels are indicated by blue shades. Comparison with the image
in Fig. 1(b) reveals that the diagonal halo features, consisting of
the diffraction spikes and the higher-order reflection artefacts of
the telescope spiders, are heavily up-weighted. A segment of the
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resulting light curve is shown in Fig. 3(c). The pointing drift signal
has been successfully removed, leaving behind the stellar variability.
An alternative objective function to TV would be to use the
normalized quadratic variation (QV), that is, the sum of the square
of differences between consecutive observations,
QV =
∑N
i=1 ( fi − fi−1)2∑N
i=1 fi
. (3)
We have investigated the use of QV for this application, and found it
achieved visibly poorer results on real and simulated data compared
to TV.
To understand why TV may be preferable to QV, it is worth
noting that TVhas been verywidely applied as a regularizing term in
many domains of signal processing, especially for image data and for
de-noising step-wise constant functions with high frequency noise
(Rudin et al. 1992; Strong & Chan 2003). These signal processing
applications have their foundation in compressed sensing theory.
For a continuous function, the TV is the arc length between two
points; in the discrete case, this becomes the sum of absolute values
of finite differences. In the language of Minkowski metrics in linear
algebra, the sum of absolute values of a vector’s elements is called
the `1 norm, also known as the taxicab or Manhattan metric: this is
the distance between two points subject to the restriction that you
can only move parallel to the axes, as on a grid of streets (Menger
& Sutton 1952). Other metrics include the square root of the sum
of squares of the components of a vector, which is the familiar `2 or
Euclidean norm, while the number of nonzero elements of a vector
in some basis, a measure of sparsity, is called the `0 norm. So TV
is the `1 norm on the derivative of a function, whereas QV is the
`2 norm. From compressed sensing theory, it can be shown that
by minimizing `1 norms under certain general conditions (which is
computationally easy) it is also possible to minimize the `0 norm
(which is otherwise computationally hard), and therefore that TV
is the appropriate objective function for enforcing sparsity in the
gradient of a time series or image (Candes et al. 2006). Therefore, if
we assume that a true signal has a small gradient with respect to time
nearly everywhere, it is often effective to minimize TV to constrain
a reconstruction from noisy data. We do not see a clear reason
why the gradient of stellar variability should be sparse, and employ
the method ad hoc, rather than explicitly as a case of compressed
sensing.
Pixel-level decorrelation (PLD) in K2 has been explored by
Luger et al. (2016), extending earlier work by Deming et al. (2015),
using least-squares (`2) methods to project light curve residuals
onto principal components of normalized pixel time series. In their
approach, simple aperture photometry is first used to obtain a raw
light curve, which is then used to normalize the raw pixel time series.
In Luger et al. (2016), the further step is taken of generating second-
or third-order polynomials in these time series, to obtain a large basis
set spanning nonlinear components of the aperture losses. We note
that `2 approaches to weighted-pixel soft aperture photometry were
proposed by Jenkins et al. (2000), and independently investigated
by Hogg, Foreman-Mackey & Goodman (unpublished), but we do
not know of any previous TV-based method.
Halo light curves obtained as above typically contain small
residual roll systematics and more substantial long-term drifts. We
correct residual roll systematics using k2sc, a Gaussian Process-
basedK2 detrending pipeline which jointlymodels stellar variations
and instrumental systematics (Aigrain et al. 2016). We use as the
x, y position inputs the corrected inputs of the nearest standard light
curve available in MAST. A segment of the Alcyone light curve af-
ter k2sc post-processing is shown in Fig. 3(d). For the longer-term
Figure 4. Photometric precision as a function of Kepler magnitude. The
solid symbols indicate light curves prepared with the halo method alone,
while open symbols are for those with further corrections using k2sc; these
twomeasurements are connected by solid lines for each star. For comparison,
the grey dots indicate CDPP for K2 C4 dwarfs (log g > 4) in the Ecliptic
Plane Input Catalog (Huber et al. 2016) using k2sc.
systematic drifts, we fit and subtract a polynomial of variable order,
typically eight or nine, to remove these trends. The trend removal
affects frequencies lower than 0.2 d−1. The lightcurve of Maia ex-
hibits a long-period signal that is intrinsic to the star, as well as the
longer-term systematic drifts. To avoid overfitting in this case, we
use the polynomial fit of nearby Taygeta to set the high-order coef-
ficients, while allowing coefficients up to the quartic term to vary.
While it would be preferable to fit a linear combination of cotrend-
ing basis vectors (CBVs; Smith et al. 2012; Stumpe et al. 2012),
those available for K2 unfortunately are dominated by thruster fir-
ing systematics and are unsuitable to fit to otherwise-clean light
curves possessing only long-time-scale trends. Furthermore, the
long-time-scale common-mode systematics in halo photometry are
not yet well-quantified, and it is not clear whether the CBV approach
is well-suited to these light curves. We leave this as the subject for
future work.
With the large diversity of available pixels there is the potential
for over-fitting. Spurious signals might be introduced, or real astro-
physical variability removed, either by the TV objective function
suppressing time variability, or by inappropriately weighting noisy
pixels. To account for the former, it would be ideal to divide up the
light curve into separate chunks, and use these separately for train-
ing and validation. For instance, one might train weights on the first
half of the light curve, and use these to extract photometry from
the second, and vice versa. This is a computationally-expensive
approach that we have not adopted.
We considered it important to address the problem of pixel-
level abnormalities by checking whether the same light curve could
be reproduced from independent subsets of pixels. To select inde-
pendent sets of pixels with similar overall distribution, we unravel
the array coordinates, and select eight ensembles taking every eighth
pixel time series. We then applied the method on these subsampled
pixel arrays and produced light curves for each. We find that the
long-term trend behaviour of all of these light curves differs, but that
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Figure 5. Photometric precision as a function of mask radius for each star.
The dashed line at a mask radius of five pixels indicates the region below
which almost all pixels are saturated.
after filtering, subsampled light curves reproduce the same overall
behaviour as the globally-optimized light curve. A consensus light
curve, consisting of the means of the subsampled light curves, is
very similar to the globally-optimized light curve, again except for
an overall trend. Finding no reason to prefer one or the other, we
use globally-optimized light curves for the scientific analysis in the
remainder of this paper.
3 PHOTOMETRIC PRECISION
The efficacy ofK2 data processing pipelines has commonly been de-
termined by measuring the 6.5 h Combined Differential Photomet-
ric Precision (CDPP; Jenkins et al. 2010; Christiansen et al. 2012).
This measurement, however, is strongly influenced by the presence
of stellar variability in a time series, so a straight application of
CDPP is not informative in such a situation. When benchmarking
K2 pipelines, CDPP values are therefore usually reported for dwarf
stars for which stellar variability is minimal.
We do not have any bright and photometrically-quiet dwarf
stars to test the halo photometry method on, so an alternative ap-
proach is required. We clean the light curves of the stellar signal by
iterative sine-wave fitting (also called prewhitening) using the pro-
gram Period04 (Lenz & Breger 2005), and then measure the CDPP
of the residual light curves. We use the Aigrain et al. (2016) CDPP-
equivalent, which first removes long-term trends with a Savitzky-
Golay filter, then takes the standard deviation of the means of all
consecutive 13-sample (6.5 h) segments of the light curve, ignoring
outliers more than 5σ away from the mean.
The CDPP for each star is shown in Fig. 4, both for light curves
processed using our halo photometry method alone (solid symbols)
and with further processing with the k2sc pipeline to remove any
remaining systematics results (open symbols). We find that k2sc
typically reduces the CDPP of halo light curves by ∼ 10 per cent,
although in the cases of Atlas, Merope, and Pleione, the CDPP is
reduced by k2sc by 32, 65, and 42 per cent, respectively.
Comparison of the CDPP of the halo targets with the CDPP of
fainter dwarf stars processed with the k2sc pipeline (grey dots in
Fig. 4) shows that the precision from halo photometry is generally
as good as that obtained for regular targets. For three of the halo
targets, however, the CDPP is significantly higher than expected.
We note that these three stars – Atlas, Merope and Pleione – have
the highest amplitude stellar variability (see Section 4), and are sig-
nificantly improved by further processing using k2sc. We attribute
the increased CDPP to the halo photometry algorithm being less
effective at suppressing jumps in the light curve in the presence of
high-amplitude stellar variability.
The fact that theCDPP is comparable to that of fainter stars, and
even as good in some cases as the best CDPPs of the fainter stars,
is indicative that this method delivers photometry of the quality
required in principle to detect exoplanet transits. It is nevertheless
important to establish in future work whether the TV minimization
removes planetary transit signals as sharp, short-duration events: we
suspect that because TV preserves ∼ hour-scale stellar oscillations,
as shown in Section 4, that this is not likely to be a problem for
transit events on this time-scale. This future workwill involve transit
injection tests to establish the exact degree to which transit signals
are dampened due to overfitting, and whether the signal could be
preserved by excluding known transits from the TV optimization
step.
As halo photometry is intended as a solution to the problem
of pixel allocation for very bright objects, it is important to deter-
mine how its precision varies with the size of the allocated pixel
mask. Furthermore, it may be important to avoid contamination
from other nearby bright sources to reduce the mask size beyond
the requirements imposed by bandwidth constraints. The raw K2
data were obtained with 20 pixel radius circular masks; we run the
algorithm separately on masks with radii from 6 to the full 20 pix-
els and measure the 6.5 h CDPP as a function of mask radius.
At 5 pixels and below, almost all pixels are saturated. The results
are shown for all seven stars in Fig. 5. The precision follows an
L shaped curve: radii much less than 8 or 9 pixels give very poor
photometric precision, and there is some improvement, albeit lim-
ited, for radii much larger than this. The bump around ∼ 15 pixels
for Atlas corresponds to the position of the nearby background star
2MASS J03491192+2403507, and we interpret this as the result of
contamination. We conclude that a mask with a 12 pixel radius is
generally sufficient to achieve good precision, which is equivalent
to approximately two to four Kp= 12mag stars.
4 VARIABILITY IN THE PLEIADES
The naked-eye Pleiades were the first collection of stars to be rec-
ognized as a cluster (Michell 1767), and together with many fainter
members they remain one of the most prominent and well-studied
open clusters. While the cluster contains over 1000 members (e.g.
Bouy et al. 2015), with an age of ∼125Myr (Stauffer et al. 1998)
it is visually dominated by several hot, massive stars. The seven
brightest stars in the Pleiades, which we study here – Alcyone,
Atlas, Electra, Maia, Merope, Taygeta, and Pleione – are all late
B-type stars. Their time series and amplitude spectra are shown in
Fig. 6. We search all seven light curves using the k2ps planet-search
package (Parviainen et al. 2016; Pope et al. 2016b), but do not find
any evidence of transiting planet candidates or eclipses.
It is remarkable to note that, although these stars are from the
same cluster, and therefore have a similar age and initial composi-
tion, and they span a narrow range inmass and effective temperature,
they display a diverse range of variability, both in terms of amplitude
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Figure 6. Time series (left) and amplitude spectra (right) of the brightest stars in the Pleiades. Brightest to faintest objects are listed top to bottom. Note the
changes in scale on the y-axes.
and frequency content. Such diversity would not be able to be seen
from the ground; periods in the range 0.5–3 d are difficult enough,
but amplitudes below a mmag are impossible from single-site data
(see e.g. De Cat & Aerts 2002). It has only been with the dawn
of space-based photometric missions, such as MOST, CoRoT and
Kepler that such low amplitude variability could be detected (e.g.
Aerts et al. 2006; Degroote et al. 2009; Balona et al. 2011).
Variability may arise from a number of phenomena, including
various pulsation mechanisms and rotational modulation. These
types of variability may appear similar, and further knowledge of
the star’s properties can be useful to make the distinction. Properties
of each star are provided in Table 1.
The locations of the stars in the Kiel diagram (log g – Teff
diagram) are shown in Fig. 7, alongside other B-type stars that
have been studied in-depth using CoRoT and Kepler data, and the
theoretical slowly pulsating B (SPB) star instability strip calculated
by Moravveji (2016). The models used to determine the instability
strip exclude the effects of rotation, howevermost of the hot Pleiades
stars are rapid rotators. Models have indicated that rapid rotation
expands the region over which SPB pulsations may be excited (e.g.
Salmon et al. 2014). The CoRoT target HD170935 (marked as
C10 in Fig. 7) shows SPB pulsations despite its more-evolved state
(Degroote et al. 2011). Therefore, each of the hot Pleiades stars may
potentially be a SPB star.
Four of the stars are knownBe stars (Alcyone, Electra,Merope,
and Pleione), meaning they have shown emission lines in their
spectra associated with a circumstellar ‘decretion’ disc (for a recent
review of Be stars, see Rivinius et al. 2013). Pleione is known to
transition between a Be phase and a shell phase – the difference
between such phases is understood to be the orientation of the disc,
with shells occurringwhen it obscures the central star (Struve 1931).
Spectra contemporaneous with the K2 observations available at the
Be Star Spectra (BeSS) database1 (Neiner et al. 2011) show all
four stars presently have emission features, and Pleione is in a shell
phase. These circumstellar discs can also be a potential source of
variability in the time series. Many Be stars are known to pulsate
(Baade 1982; Bolton 1982; Rivinius et al. 2003; Walker et al. 2005;
Saio et al. 2007; Neiner et al. 2009); Aerts (2006) concluded that
the pulsating Be stars are not a separate class of variable stars, but
rapidly-rotating and complex examples of the SPB stars. There is
evidence to suggest that these pulsations are responsible for mass-
loss episodes that launch stellar material into the decretion disc
(Rivinius et al. 1998, 2003; Huat et al. 2009; Baade et al. 2016),
1 http://basebe.obspm.fr
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Figure 7. Kiel diagram (log g – Teff diagram) of the brightest Pleiades stars and the sample of B-type stars for which in-depth seismic analysis has been
made possible by the CoRoT (grey circles) and Kepler (white circles) missions. Colours and symbols for the Pleiades stars are the same as in Fig. 4, with the
addition that the B8V secondary component of Atlas is indicated by the white square to distinguish it from the B8III primary (orange square). The following
annotations are used for the CoRoT and Kepler B stars: C1 – HD48977, C2 – HD43317, C3 – HD50230A, C4 – HD50846A, C5 – HD182198, C6 – HD
181440, C7 – HD46179, C8 – HD174648, C9 – HD174884AB, C10 – HD170935, K1 – KIC 4931738AB, K2 – KIC 10526294, K3 – KIC 7760680, K4 –
KIC 3459297, K5 – KIC 6352430A, K6 – KIC 4930889AB, K7 – KIC 9020774, K8 – KIC 11971405. The dot-dashed black line indicates the zero-age main
sequence (ZAMS), while the dashed black line indicated the terminal-age main sequence (TAMS). The cool edge of the β Cep instability strip for radial (` = 0)
modes is plotted with a dotted black line. Solid grey lines show evolutionary tracks for the masses indicated, dashed grey lines show isochrones for ages from
20 to 28 Myr, and dotted grey lines show isoradii for integer multiples of the solar radius. The SPB instability strip is defined as the region for which at least
three gravity modes of degree ` = 1 or 2 are excited, and is shown in colours ranging from purple (3 excited modes) to yellow (63 excited modes), as indicated
by the colour bar. All model data are taken from Moravveji (2016) for Z = 0.014, the solar mixture of Asplund et al. (2009), an exponential core-overshooting
fov = 0.02, and opacity enhancement factors for iron and nickel of βFe = βNi = 1.75.
Table 1. Properties of the bright Pleiades
Name HD Sp. type V (mag) Teff (K) log(g/cm s−2) v sin i (km s−1) E(B −V ) (mag) M (M) R (R)
Alcyone 23630 B7IIIe 2.87 12258±505a 3.047±0.076a 140±10a 0.01±0.01 5.9b 9.3±0.7c
Atlas Aa1 23850 B8III 3.84 13446±218d 3.32±0.09c 240e 0.07±0.01 4.74±0.25e 7.9±0.8c
Atlas Aa2 — B8V 5.52 13660 3.96±0.09c 60e 0.07±0.01 3.42±0.25e 3.2±0.3c
Electra 23302 B6IIIe 3.70 12754±504a 3.368±0.078a 170±12a 0.00±0.01 4.7b 6.3±0.7c
Maia 23408 B7III 3.87 12550±150c 3.42±0.04c 33±5 f 0.02±0.04 4.22±0.18g 6.61±0.11c
Merope 23480 B6IVe 4.18 13691±481a 3.629±0.076a 240±14a 0.06±0.02 4.25±0.08h 4.79±0.17c
Taygeta 23338 B6IV 4.30 13696±222d 3.772±0.113d 105±16i 0.02±0.01 4.41±0.09h 4.36±0.14c
Pleione 23862 B8Vne 5.19 12106±272a 3.937±0.052a 286±16a 0.05±0.02 3.8b 4.17±0.17c
References: (a) Frémat et al. (2005), (b) Zorec et al. (2005), (c) derived here, (d) David & Hillenbrand (2015), (e) Zwahlen et al. (2004), (f) Royer et al.
(2002), (g) Kochukhov & Bagnulo (2006), (h) Zorec & Royer (2012), (i) Abt et al. (2002).
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and a model has been developed to explain how pulsations, coupled
to rapid, sub-critical rotation can achieve this (Kee et al. 2014).
A large fraction of B stars are in multiple systems; mid-B stars
have, on average, a total multiplicity frequency of 1.3±0.2 (Moe &
Di Stefano 2016). It is convenient that the Pleiades, lying near the
ecliptic, are amenable to lunar occultation measurements capable
of resolving close binaries. Three of the hot Pleiades are known to
be in multiple systems – Atlas, Taygeta, and Pleione. Of these, the
secondary companion of Atlas is also a B star, and its properties
are provided alongside the others in Table 1. Atlas Aa2, as it is
referred to in the Washington Double Star Catalog (WDS; Mason
et al. 2001), may also be a source of variability in the light curve.
Taygeta and Pleione have faint, low-mass companions.
The final cause of variability we need to consider is rotational
modulation caused by the presence of surface features. For rotation
to be a plausible explanation, two conditions need to be met by
the implied rotational velocity at the equator; the velocity must
be at least as large as the observed projected rotational velocity,
v sin i, and it must be smaller than the critical velocity. To test these
conditions, the radius of the star must be known, as well as v sin i
and the potential rotation period.
We have been conducting an observing campaign to measure
the angular diameters of these stars using the Center for High Angu-
lar Resolution Astronomy (CHARA) Array. We present the results
of this campaign for Maia in Section 4.4.2. Interferometric results
for the other stars will be presented elsewhere; additional obser-
vations from multiple position angles are required to adequately
sample the shape of the rapidly rotating Pleiades stars. In the mean-
time, we estimate the radii of these stars using other methods. For
Atlas, we first estimate the angular diameters using the V − K sur-
face brightness relation (Kervella et al. 2004; Boyajian et al. 2014).
The system has V = 3.63 mag and K = 3.76 mag, while Pan
et al. (2004) find magnitude differences of ∆V = 1.68 ± 0.07mag
and ∆K = 1.86 ± 0.06mag between the components from inter-
ferometry. We subsequently estimate Atlas Aa1 to have a radius
of 7.9 ± 0.8 R , and Atlas Aa2 to have a radius of 3.2 ± 0.3 R ,
assuming a conservative 10 per cent uncertainty in the angular di-
ameter and using Atlas’ geometric parallax (132±4 pc; Zwahlen
et al. 2004).
For the Be stars, the use of the V − K relation is not appro-
priate because the circumstellar discs contribute significant flux,
particularly in the infrared. Touhami et al. (2013) argued that it
is better to compare model and observed fluxes in the ultraviolet
where the disk contribution is negligible. We gathered the available
International Ultraviolet Explorer (IUE) spectra from the NASA
Mikulski Archive for Space Telescopes (MAST) at STScI2, and re-
peated the analysis of Touhami et al. (2013), comparing the spectra
with Kurucz model fluxes, in order to determine the angular diame-
ter. We assume a binary companion for Taygeta with Teff = 8306K,
log g = 4.2 dex, and ∆K = 2.5mag (Richichi et al. 1994), and a bi-
nary companion for Pleione with Teff = 6650K, log g = 4.34 dex,
and ∆K = 2.1mag (Touhami et al. 2013). Touhami et al. (2013) also
determined the angular diameters of Pleione and Alcyone; our re-
sult for Alcyone is in perfect agreement. For Pleione, we excluded
spectra taken early in the IUE mission when Pleione was in a shell
phase, during which FUV flux declined because of disc obscuration
(Doazan et al. 1993). This left the 7 SWP (115–190 nm) and 6 LWP
(180–330 nm) spectra from 1993–4. We subsequently find Pleione
to have a larger UV flux and radius than found by Touhami et al.
2 http://archive.stsci.edu/iue/
(2013). We determine the linear radii using the VLBI parallax mea-
surement for the Pleiades (Melis et al. 2014). The radii are listed in
Table 1 alongside the other properties from the literature.
We note there are several limitations to these estimates of the
radii. The method of Touhami et al. (2013) assumes spherical stars
with no gravity darkening, so the resulting angular diameters will
be intermediate between the actual polar and equatorial angular
diameters. Furthermore, the observed v sin i is likely to be lower
than the true value because gravity darkening results in the most
rapidly rotating part of the star being less conspicuous (Townsend
et al. 2004). We therefore only take these values of the radii and
projected rotational velocities as indicative of the rotational time-
scales for these stars.
In the remainder of this Section, we discuss the variability of
each star in turn, in conjunction with observations recorded in the
literature, to deduce the likely nature of each target.
4.1 Alcyone
Alcyone (η Tauri, 25 Tauri, HR 1165, HD23630) is a blue giant
of spectral type B7IIIe, and is the brightest star in the Pleiades
(V = 2.87mag). Several visual companions are listed in the Wash-
ingtonDouble Star Catalog (Mason et al. 2001), the closest of which
is separated by 77 arcsec. While some lunar occultation measure-
ments have suggested the existence of a closer companion with a
separation between 1–30mas and amagnitude difference of 1.6mag
(Bartholdi et al. 1975; de Vegt & Gehlich 1976), others have been
consistent with a single star scenario (Eitter & Beavers 1974; Mc-
Graw et al. 1974; Bartholdi 1975). Jarad et al. (1989) identify a
possible spectroscopic period of 4.13 d. Alcyone appears single in
speckle interferometry (Mason et al. 1993; Mason 1996; Fu et al.
1997) and adaptive optics observations (Roberts et al. 2007).
Being a Be star, Alcyone is girt by a circumstellar disc. Quir-
renbach et al. (1997) and Tycner et al. (2005) have both measured
the extent of the Hα emission in the disc using long-baseline opti-
cal interferometry, finding the angular size of the semi-major axis
to be 2.65±0.14 and 2.04±0.18 mas, respectively. Both found only
small deviations from circular symmetry in the disc, suggesting the
system is seen close to pole-on; Quirrenbach et al. (1997) found
an axial ratio of 0.95±0.22, from which the minimum inclination
angle is 18◦, while Tycner et al. (2005) found the axial ratio to be
0.75±0.05, implying a minimum inclination angle of 41◦. Grzenia
et al. (2013) found a much smaller angular extent of the disc in K
band observations from the Palomar Testbed Interferometer, of only
0.71±0.01mas, although it must be noted that they fit only a single
uniform disc component to their observations, and it seems likely
the measurement was dominated by the central star. Touhami et al.
(2013) were unable to resolve the disc in K band with the CHARA
Array. None of these interferometric measurements found evidence
of a companion.
The K2 time series and amplitude spectrum of Alcyone are
shown in the top row of Fig. 6. The spectrum is dominated by
a frequency at 0.4360±0.0004 d−1, although power is present at
other frequencies as well, including at one-third of this primary
frequency. There are low amplitude groupings of frequencies around
0.8 and 1.6 d−1. Such frequency groupings have been seen before
in Be and regular B stars (Walker et al. 2005; Cameron et al. 2008;
Diago et al. 2009; Huat et al. 2009; Neiner et al. 2009; Balona et al.
2011; McNamara et al. 2012). Balona et al. (2011) speculated that
these groupings were caused by rotational modulation, however
Kurtz et al. (2015), using the excellent frequency resolution of
the full Kepler mission, were able to show that all peaks could be
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explained as simple combinations of a fewmodes. Such combination
frequencies are indicative of non-linear coupling between pulsation
modes. We therefore conclude that these low-amplitude peaks are
caused by SPB oscillations.
We measured the frequencies present in the time series by iter-
ative sine-wave fitting; details are provided in Appendix A, and the
Fourier parameters of the peaks are given in Table A1. Which fre-
quencies correspond to the uncombined, ‘base’ frequencies cannot
be reliably determined because any of the peaks can be described by
a combination of others and Kurtz et al. (2015) showed that the base
frequencies do not necessarily have the highest amplitudes. Further-
more, the frequency resolution of the K2 time series is quite limited,
particularly in comparison to what was achievedwith the fullKepler
mission. Kepler observations show these frequency groupings con-
tain many closely-spaced peaks, and it is quite likely that some of
the peaks in the Alcyone amplitude spectrum are unresolved. Never-
theless, we are able to find possible decompositions of some modes
into frequency combinations of other modes, which are indicated
in Table A1, to illustrate that we are indeed seeing the frequency
combination phenomenon.
The highest-amplitude frequency in the Alcyone amplitude
spectrum may also be due to SPB pulsations. It occurs at a fre-
quency close to half that of the frequency grouping at 0.8 d−1, and
is somewhat broadened, suggesting that it is an unresolved peak of
several frequencies. The peak at 0.15 d−1 can also be explained as
a combination frequency.
Another possibility is that the highest-amplitude frequency
arises from rotational modulation, or even from variability of the
circumstellar disc. We can consider if this frequency occurs at an
appropriate time-scale to be caused by rotation. We calculate the
critical velocity from the mass and radius given in Table 1, using
this radius as an estimate of the equatorial radius. Rotation at the
critical velocity would have a frequency of 0.61±0.07 d−1. The
v sin i was found to be 140 km s−1 byAbt et al. (2002); theminimum
possible rotational frequency is 0.30 d−1. The peak at a frequency
at 0.4362±0.0016 d−1 is therefore consistent with being caused by
near-critical rotation.
If this is the rotational frequency, then with an estimate of the
stellar radii and the known v sin i, the inclination of the star can
be estimated. In order to account properly for the prior distribution
of i and propagate uncertainties correctly, we implement a Markov
Chain Monte Carlo (MCMC) model in PySTAN3. We choose an
isotropic prior for the inclination such that cos i ∼ Uniform(0, 1),
i ∈ [0◦, 90◦]. The rotational frequency f and radius R are taken to be
normally distributed. Finally, we model our projected velocities as
v sin i ∼ Normal(2piR f · sin i, σv sin i), and we assume a 10 per cent
uncertainty on v sin i in the value given byAbt et al. (2002).Weburn-
in this model for 5000 MCMC steps, discard these, and generate
a further 5000 samples from the posterior distribution. We find an
inclination angle of 48 ± 6◦ and display a normalized histogram of
these samples in Fig. 8 as a marginal posterior probability density
function, together with those of the other stars we shall discuss
in turn. The inclination found is consistent with the orientations
implied by the interferometric measurements of the circumstellar
disc (Quirrenbach et al. 1997; Tycner et al. 2005).
The highest-amplitude frequency can therefore be explained
as either an unresolved group of frequencies arising from SPB
pulsation, or as the rotation frequency. We favour the pulsation
explanation due to its ability to account for all the variability in
3 http://mc-stan.org/interfaces/pystan
Figure 8. Posterior probability density functions for the possible inclina-
tions of Alcyone, Maia, and Pleione calculated from their radii, projected
rotational velocity, and possible rotation periods.
the time series at all frequencies. Nevertheless, it is possible that
the fundamental pulsation time scale is commensurate with the
rotational time scale.
4.2 Atlas
Atlas (27 Tauri, HR 1178, HD23850) is the second-brightest mem-
ber of the Pleiades (V = 3.63mag). While there are a number of
nearby stars separated by more than 50 arcsec (identified as At-
las B–H in the WDS; Mason et al. 2001), the first report of AtlasA
being a double star consisting of a 5mag primary (AtlasAa) sepa-
rated by 0.8 arcsec from a 8mag secondary (AtlasAb) was made by
Struve (1837). However, as reported by Lewis (1906), apart from
the first two measurements by F. G. W. Struve in 1827 and 1830,
multiple attempts by Struve and others failed to reobserve AtlasA
as a double star until Lewis and W. B. Bowyer were able to resolve
a secondary on consecutive nights in 1904 February. The WDS
records a last ‘satisfactory’ observation date for this component in
1929 and notes that the magnitudes, position angles and separations
vary considerably, calling the existence of this companion into ques-
tion (Mason et al. 2001). Nevertheless, subsequent references to its
existence may still be found in the recent literature (e.g. Neiner et al.
2015).
Abt et al. (1965) found Atlas to be a spectroscopic binary with
a claimed orbital period of 1254 d. However, with further measure-
ments, this detection was also disputed (Pearce & Hill 1971).
Unambiguous confirmation that Atlas is a binary came with
lunar occultation measurements (McGraw et al. 1974; Bartholdi
1975; de Vegt & Gehlich 1976). These measurements showed a
much closer companion than suggested by the earlier, disputed ob-
servations. Further long-baseline optical interferometric and radial
velocity measurements (Pan et al. 2004; Zwahlen et al. 2004) have
firmly established the orbital parameters and masses of the compo-
nents, as well as provided an independent geometric distance to the
Pleiades (132±4 pc).
The primary component, identified as Atlas Aa1 in the WDS
(Mason et al. 2001), is a B8III star, and has been used as the standard
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star for its spectral type (Morgan et al. 1943; Johnson & Morgan
1953). It has a mass of 4.74±0.25M (Zwahlen et al. 2004). The
secondary component, Atlas Aa2, orbits the primary in an eccentric
(e=0.2384±0.0063), 290.984±0.079 d orbit with an inclination of
i = 107.87 ± 0.49◦. It is a B8V star, with a mass of 3.42±0.25M
(Zwahlen et al. 2004).
Atlas A is identified as being He-weak in the catalogue of
chemically peculiar stars by Renson & Manfroid (2009), although
this identification is noted as being doubtful and it is not clear which
component is implicated. We were unable to find an original refer-
ence to Atlas’ chemical peculiarity in the literature. Chemical pe-
culiarities are, however, commonly associated with structured mag-
netic fields and Neiner et al. (2015) have detected a magnetic field
in AtlasAa2 using spectropolarimetry, with a polar field strength of
the order of 2 kG.
Chemical peculiarity is also commonly associated with photo-
metric variability arising from the rotation of surface spots. Wraight
et al. (2012) searched for variability in stars identified as being
chemically peculiar, including Atlas, using observations from the
STEREO satellites. They flagged a potential frequency of 0.406 d−1,
but blending and the low significance of the signal led them to doubt
the reliability of thismeasurement. Photometric variability had been
previously detected in Atlas by McNamara (1985, 1987). He found
a frequency of 0.546 d−1 between 1983–4, and 0.267 d−1 between
1985–6, although, as is common in ground-based observations,
these measurements are affected by daily aliasing.
The K2 light curve and amplitude spectrum of Atlas are shown
in the second row of Fig. 6; we clearly detect variability. The pres-
ence of the 13th mag star 2MASS J03491192+2403507, around
15 pixels from Atlas, dilutes the signal of Atlas in the halo light
curve. We therefore use a 12 pixel radius mask to mitigate this
effect.
Three prominent peaks are seen in the amplitude spectrum.
The peak at 0.8236 d−1 is the second harmonic of the lowest peak
at 0.4121 d−1. This lowest frequency coincides with the suspected
period observed with STEREO. A third prominent peak occurs at
1.341 d−1. Several other low-amplitude peaks are also present in the
amplitude spectra; a list of frequencies is given in TableA2. Most
of these frequencies are harmonics of the two principal frequencies,
but there is also a third independent frequency at 0.7627 d−1 and its
harmonic, and a combination frequency of the two high-amplitude
principal frequencies at 0.5092 d−1. The presence of this combina-
tion frequency reveals that this variability is caused by pulsations;
such frequencies cannot be caused by rotation (e.g. Kurtz et al.
2015).
It is not immediately clear whether these pulsations are present
inAtlasAa1 orAa2, althoughwe note that the amplitudes are diluted
by the presence of the other star. Atlas Aa1 is approximately five
times brighter than AtlasAa2, so the pulsations will be diluted by a
factor of 1.2 if they are present in the primary, and by a factor of 6 if
they are present in the secondary. The large amplitude of two of the
principal frequencies would seem to favour that they occur in the
primary component, but further investigation including modelling
the stars may provide greater clarity.
4.3 Electra
Electra (17 Tauri, HR 1142, HD23302) is the third-brightest star
in the Pleiades (V = 3.70mag), and is a blue giant of spectral type
B6IIIe. While some lunar occultation measurements of Electra have
been found to be consistent with a single star (McGraw et al. 1974;
Eitter&Beavers 1974), others suggest it has a companion (Bartholdi
1975; de Vegt & Gehlich 1976; Richichi et al. 1996). Abt et al.
(1965) found evidence that Electra was a spectroscopic binary with
a period of ∼100 d. However, while finding Electra may have a
variable radial velocity, Pearce&Hill (1971)were unable to confirm
the period claimed byAbt et al. (1965). Jarad et al. (1989) also claim
Electra may be a spectroscopic binary, although with a period of
only ∼4 d.
Previous photometric observations of Electra have found it
to be constant within the precision of the measurements. Subse-
quently, McNamara (1985, 1987) used Electra as the reference star
for differential photometry with other members of the Pleiades.
The time series and amplitude spectrum of Electra are shown
in the third row of Fig. 6. Electra has the lowest amplitude vari-
ability of any of the stars considered in this paper. Low-amplitude
frequency groupings are present in the ranges 0.8–1 d−1 and 1.8–
2 d−1. These are SPB pulsations showing the same type of struc-
ture that was previously discussed for Alcyone, with several base
frequencies and combination frequencies (Kurtz et al. 2015). The
detected frequencies, their amplitudes, and phases are provided in
Table A3. We are able to identify several possible combination fre-
quencies. However, as was the case for Alcyone, further analysis of
Electra is limited by the resolution of the K2 time series and the
closely-spaced frequencies within each group.
4.4 Maia
Maia (20 Tauri, HR 1149, HD23408), a B7III star, is the fourth-
brightest member of the Pleiades (V = 3.87mag). The uniqueness
of its relatively narrow-lined spectrum amongst the B stars in the
Pleiades spurred early interest in detecting variability, although a
clear detection proved elusive.
Adams (1904) was first to claim variability in radial velocity
measurements, suspecting binarity. Henroteau (1920) found tenta-
tive evidence of variability with a period of about 2 h in the Mg ii
line at 448.1 nm, and raised the possibility of pulsations. However,
other early measurements failed to find variability in radial veloc-
ity (Merrill 1915) or photometry (Guthnick & Pavel 1922). Walker
(1952) found a suggestion of photometric variability, again with a
period of about 2 h. Struve (1955) went further, not only suggesting
that Maia exhibited radial velocity variability on a 1–4 h time-scale,
but hypothesised a class of similar variable stars, lying in the HR di-
agram between the β Cephei and δ Scuti pulsators, which he called
the Maia variables. A more detailed radial velocity and photometric
study of Maia by Struve et al. (1957), however, did not support the
existence of short-period variations in radial velocity or brightness.
Instead, it was found that the helium lines varied in intensity and
width in a non-periodic manner, at intervals of the order of 2 h.
Nevertheless, the idea of the Maia variable class remained.
Further searches for variability in Maia have been negative
(Breger 1972; Percy 1978; McNamara 1985, 1987; Percy &Wilson
2000; Paunzen et al. 2013). Other candidate Maia variables have
been investigated but, although several stars with variability on the
appropriate time-scale were found, clear evidence of the existence
ofMaia variables as a single, distinct class had not been forthcoming
(e.g. Lehmann et al. 1995; Scholz et al. 1998; Weiss et al. 1998;
Kallinger et al. 2002, 2004; De Cat et al. 2007).
Aerts & Kolenberg (2005) suggested that the Maia variable
class was unnecessary; any variable that matched the descrip-
tion could be a rapidly rotating SPB star with the gravity modes
shifted to higher frequency by the Coriolis force (Townsend 2003,
2005a). Savonije (2005) and Townsend (2005b) have also inves-
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Figure 9. Variability in the 475.6 nm Mn ii line of Maia in spectra taken with the Hertzsprung SONG telescope. Left Section of the spectrum around the line.
The lower panel shows the spectrum for each night, offset, with time increasing from bottom (light green) to top (dark green). The black lines show the average
spectrum. The top panel shows the difference from the average spectrum. Right Equivalent width of the line as a function of time. The thick solid line shows
the best fit of a single sinusoid to the observations (green stars), while the faint background lines show draws from the MCMC posterior distribution. The
best-fitting sinusoid from the MCMC fit to the equivalent widths has a period of 10.34 ± 0.08 d, consistent with the 10.29 d found from the K2 photometry.
tigated Rossby waves, which are able to be excited in models of
rotating SPB stars.
Recent results have firmly established that there are short-
period pulsators, both within the SPB instability strip and between
the SPB and δ Scuti instability strips (Degroote et al. 2009;Mowlavi
et al. 2013, 2016; Lata et al. 2014; Balona et al. 2015, 2016).
Salmon et al. (2014) have argued that models of rapidly rotating
SPB pulsators are consistent with these observations. Mowlavi et al.
(2016) do find that this class of pulsators in the cluster NGC3766
are rapidly rotating, but have dubbed them fast-rotating pulsating B
(FaRPB) stars while their behaviour is under further investigation.
Others are sticking to the historic “Maia variable” name for this
class (e.g. Balona et al. 2015, 2016).
Despite the ongoing debate over the existence of Maia vari-
ables, we can at least now settle the question of Maia’s variability.
The K2 time series and amplitude spectrum of Maia are shown
in the fourth row of Fig. 6. For the first time, we have unambigu-
ously detected variability in Maia. One clear frequency is found in
the amplitude spectrum at 0.0967±0.0008 d−1; the variability has
a 10 d period. Its Fourier parameters are given in Table A4. Other
low-amplitude peaks are present at similar periods, including at the
harmonic of the primary frequency, but because these time-scales
are similar to the instrumental long-term trends that were removed,
we are cautious to not treat these low-amplitude modes as necessar-
ily being intrinsic to the star. Nevertheless, this much is clear: Maia
is variable, but Maia is not a Maia variable.
Maia is known to be chemically peculiar. Struve (1933) re-
ported that he found the spectrum particularly difficult to charac-
terize. He eventually came to the conclusion, based off the small
projected rotational velocity and the apparently inconsistent temper-
atures between relatively weak helium lines and relatively strong
metallic lines, that Maia was a rapidly rotating star seen pole-on
(Struve 1945). Amongst the metal lines, the ultraviolet Mn ii lines
were especially strong.While Struve (1945) left open the possibility
of slow rotation with a peculiar spectrum, the pole-on hypothesis
was supported by Huang & Struve (1956). When the realization that
there were whole classes of chemically peculiar stars came, Maia
was soon identified as belonging to the He-weak (or CP4) stars
(Searle & Sargent 1964; Jaschek et al. 1969). Subsequently Maia
was considered amongst the HgMn (CP3) stars; Wolff & Preston
(1978) noted intermediate-strengthMn lines relative to HgMn stars,
but no Hg lines, and did not include Maia on their list of HgMn
stars. Nevertheless, Heacox (1979) included Maia in their sample
of HgMn stars for which they measured detailed abundances; again
Hg was not detected. It would appear that Maia presents an inter-
mediate case between the two classes. Renson & Manfroid (2009)
list Maia as a He-weak Mn star in their catalogue.
Many HgMn stars show evidence of line-profile variations
caused by the rotation of chemical surface spots (e.g. Ryabchikova
et al. 1999; Adelman et al. 2002). Rotational modulation has also
been observed in the light curves of other HgMn stars (e.g. Balona
et al. 2011). We suggest that the photometric variability of Maia
is similarly caused by rotational modulation resulting from a large
chemical spot.
4.4.1 SONG spectroscopy of Maia
To confirm the existence of a chemical spot on Maia we obtained
high-resolution spectra with the automated Hertzsprung SONG
1-m telescope at Observatorio del Teide on eight nights between
2016 November 4 and 15 to cover an entire rotation period. SONG
(Stellar Observations Network Group) is a planned global network
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of 1-m telescopes, of which the Hertzsprung SONG telescope is
the first node. The telescope is equipped with a coudé échelle spec-
trograph with an iodine cell and a ThAr lamp (Grundahl et al., in
prep.). The first SONG results, asteroseismology of the G5 subgiant
µ Herculis, were recently presented (Grundahl et al. 2017).
Each observation of Maia consisted of a 180-s exposure, of
which three were taken in succession on each night. There are 51
orders in the échelle spectra, covering a range of 440–690 nm with
a spectral resolution of R = 90 000. Bias and flat-field calibration
frames were taken before the beginning of each observing night,
while ThAr spectra were measured before and after the observa-
tions for wavelength calibration. The spectra were reduced using
a C++ based pipeline using the implementation of the routines of
Piskunov&Valenti (2002) byRitter et al. (2014). For each exposure,
the barycentric Julian mid-time and barycentric velocity correction
were made using the program BarCor4 by M. Hrudková.
Spectral lines were identified by reference to the VALD
database (Kupka et al. 1999; Ryabchikova et al. 2015), assuming
stellar parameters Teff = 12550K (this work, see Section 4.4.2),
log g = 3.5, and the detailed chemical abundances of Heacox
(1979). A single spectrum of each night was obtained from the
sum of the three exposures. Given the rotation period of ∼10 d,
combining consecutive spectra should not smear out the signal. The
time series of the spectra were searched for line profile variations.
Several lines show clear evidence of line profile variability, how-
ever the most prominent cases involve blended lines. Fig. 9 shows
the relatively weak variability in an isolated Mn ii line. To quantify
the variability in this line, we used the equivalent width as a proxy
for the line profile shape, fitting the line with a Gaussian function.
Uncertainties in the measurements were determined using Monte
Carlo simulations with the scatter in the surrounding continuum
spectrum used to draw realizations of the spectrum. The time se-
ries of the equivalent width measurements is shown in the right
panel of Fig. 9, which shows clear variability over the observations
consistent with a 10 d period. We determined the period of this
variability with a Markov Chain Monte Carlo fit of a sinusoid to the
time series. With only a handful of data points sampling a single
period of the variation, we constrain our model with a normal prior
with mean and uncertainty taken from the K2 time series, allowing
phase, amplitude and mean to vary with uniform priors. We find
an excellent agreement between the period and phase of the pho-
tometric and spectroscopic variability, supporting the conclusion
that the variability of Maia is caused by a chemical spot. A more
detailed analysis of the spectra would allow for Doppler mapping
of the chemical spot, however this is beyond the scope of this paper.
4.4.2 CHARA interferometry of Maia
Wecan determine the inclination angle ofMaia by combining the ro-
tation frequency (0.0962±0.0002 d−1) with the projected rotational
velocity (v sin i = 33 ± 5km s−1; Royer et al. 2002) and radius.
To determine the radius of Maia, we have conducted inter-
ferometric observations with the PAVO beam combiner (Ireland
et al. 2008) at the CHARA Array at Mt. Wilson Observatory, Cal-
ifornia (ten Brummelaar et al. 2005). The CHARA Array consists
of six 1-m telescopes arranged in a Y-shaped configuration, with
baselines ranging from 30–330m. PAVO is a visible wavelength
(∼600–900 nm) pupil-plane beam combiner. Although PAVO can
4 sirrah.troja.mff.cuni.cz/~mary
Table 2. Log of PAVO interferometric observations of Maia
ut Date Baselinea No. of scans Calibratorsb
2013 November 9 E1S1 2 b
2015 November 8 S2W2 2 ad
2015 November 9 S2E2 3 ace
a The baselines used have the following lengths:
S2W2, 177.45m; S2E2, 248.13m; E1S1, 330.66m.
b Refer to Table 3 for details of the calibrators.
Table 3. Calibration stars used for interferometric observations
HD Sp. type V V − K E(B −V ) θV−K ID
21050 A1V 6.070 −0.072 0.036 0.198 a
23923 B8V 6.172 −0.044 0.056 0.191 b
23950 B8III 6.070 0.094 0.051 0.218 c
25175 A0V 6.311 0.237 0.120 0.209 d
27309 A0p 5.345 −0.291 0.000 0.244 e
combine three beams, we have used the two-telescope mode, for
which calibration is more accurate.
Observations were made with three different baselines on three
nights in November 2013 and 2015. A summary of the observations
is provided in Table 2. Calibration of the target fringe visibilities
is made through comparison to the fringe visibilities of calibrator
stars. Ideally, these stars are as small as possible to be unresolved
by the interferometer, while being bright and close (< 10◦) to the
target. The calibrator stars are listed in Table 3. Their expected
angular diameters were calculated as the average of values obtained
from the (V − K) relations of Kervella et al. (2004) and Boyajian
et al. (2014). The stars were observed in the sequence calibrator 1
–Maia – calibrator 2, with two minutes of visibility data collected
for each object.
The data were reduced and analysed using the PAVO reduction
pipeline, which has been well-tested and used for previous studies
(e.g. Bazot et al. 2011; Derekas et al. 2011; Huber et al. 2012;
Maestro et al. 2013; White et al. 2013). The calibrated squared
visibility measurements are shown in Fig. 10.
The calibrated fringe visibilities were fit with a linearly limb-
darkened disc model, given by (Hanbury Brown et al. 1974)
V =
(
1 − u
2
+
u
3
)−1 [
(1 − u) J1(x)
x
+ u(pi/2)1/2 J3/2(x)
x3/2
]
, (4)
where
x ≡ piBθLDλ−1, (5)
and V is the visibility, u is the wavelength-dependent linear limb-
darkening coefficient, Jn(x) is the nth order Bessel function of the
first kind, B is the projected baseline, θLD is the angular diameter
after correction for limb-darkening, and λ is thewavelength at which
the observations was made. The quantity Bλ−1 is referred to as the
spatial frequency.
To determine the value of the limb-darkening coefficient, we
use the grid of coefficients calculated by Claret & Bloemen (2011)
foratlas atmospheremodels.We interpolate the grid to the spectro-
scopic values of log g = 3.5 andTeff = 13300K , as found byHeacox
(1979). Our linear limb-darkening coefficient is u = 0.31±0.04. We
note that the atlas models in the grid have scaled solar composi-
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Figure 10. Interferometric measurements of Maia. Green stars show fringe
visibilitymeasurementsmadewith the PAVObeam combiner at the CHARA
array. The curve shows the best-fitting limb-darkened disc model.
tions, whereasMaia is chemically peculiar, however the dependence
of metallicity on the model limb-darkening coefficient is minimal
in this region of the parameter space. There is further uncertainty
in the impact of the suspected large chemical spot on the effec-
tive limb darkening. We adopt a relatively large uncertainty in the
limb-darkening coefficient in order to account for these systematic
uncertainties. Because Maia is a relatively slow rotator, we do not
take into account possible oblateness and gravity darkening.
We determine the uncertainty in the angular diameter using
Monte Carlo simulations that take into account the uncertainties
in the visibility measurements, the wavelength calibration (5 nm),
the calibrator sizes (5 per cent), and the limb-darkening coefficient.
The uniform disc diameter (i.e. u = 0) is θUD = 0.438± 0.005mas.
With our adopted linear limb-darkening coefficient, we find θLD =
0.451 ± 0.006mas. The best fitting limb-darkened disc model is
shown as the curve in Fig. 10.
Adopting the distance to the Pleiades as determined fromVLBI
parallax measurements (136.2±1.2 pc; Melis et al. 2014), we find a
radius for Maia of 6.61± 0.11R . Combining our angular diameter
with the estimate of bolometric flux by van Belle et al. (2008),
for which we adopt a 5 per cent uncertainty, we find an effective
temperature of Teff = 12550 ± 150K.
The calculation of the inclination angle from the radius, pro-
jected rotational velocity, and rotation period reveals that Maia is
seen close to equator-on. We implemented the same MCMC model
that we previously used to determine the possible inclination of Al-
cyone in Section 4.1 to properly account for the prior distribution of
i and propagate uncertainties correctly. The resulting posterior dis-
tribution is shown in Fig. 8. We find a range of possible inclinations,
with a 99 per cent probability of it being above 42◦.
4.5 Merope
Merope (23 Tauri, HR 1156, HD23480) is the fifth-brightest mem-
ber of the Pleiades (V = 4.18mag) and is of spectral type B6IVe.
Merope appears single in lunar occultation (McGraw et al. 1974;
Eitter & Beavers 1974; de Vegt & Gehlich 1976) and speckle inter-
ferometry measurements (Mason et al. 1993).
Previous photometric observations of Merope have revealed
high-amplitude variability. McNamara (1985, 1987) found a con-
sistent frequency of 2.04 d−1 across several years. This frequency
is, coincidentally, half the thruster-firing frequency for the K2 mis-
sion. The K2 time series and amplitude spectrum of Merope are
shown in the fifth row of Fig. 6. The previously-known frequency at
2.04 d−1 is clearly recovered. The halo photometry method works
remarkably well in this situation, preserving the stellar variabil-
ity despite the unfortunate similarity to the thruster firing period,
whereas other methods that attempt to detrend the telescope point-
ing drift signal would likely overfit and remove part of the stellar
signal as well. While there are small peaks at 4.08 and 6.13 d−1 in
the amplitude spectrum, it is unclear if these are harmonics of the
primary frequency, or a residual of the pointing drift.
Thewidth of the peak in the amplitude spectrum is indicative of
there being several closely spaced periods or a non-coherent signal,
resulting in the beating apparent in the time series. There are several
possible explanations for the variability. Merope is a Be star so it
has a circumstellar disc that may exhibit variability. Alternatively,
the variability may have a stellar origin, either as rotation, with
differential rotation accounting for incoherent variability, or from
SPB pulsations, with several closely spaced g-mode frequencies.
Rotation may be ruled out as the cause of variability by consid-
ering the rotational velocity this would require. Using the radius we
previously determined (4.79±0.17R) with the mass determined
by Zorec & Royer (2012) of 4.25±0.08M , we find that the crit-
ical rotation frequency of Merope is 1.39±0.07 d−1. The observed
variability occurs well above this frequency, and therefore we can
be confident that rotation is not the cause.
The frequency of the variability in Merope has been constant
over the course of 30 yr. Expecting that variability in the circumstel-
lar disc would be less stable, we believe pulsations provide the most
plausible explanation. We note, however that the oscillation spectra
of these presumed SPB pulsations are qualitatively quite different
from those seen in Alcyone and Electra, as well as Taygeta, which
we discuss next, both in terms of amplitude and the spacing between
modes. The oscillations in Merope show more similarity with pul-
sations detected in other Be stars from the ground, including the
beating between several frequencies, which has been advanced as a
possible explanation for the production of the decretion disc (Riv-
inius et al. 2003; Kee et al. 2014; Baade et al. 2016). Of course, the
SPB pulsations seen in Alcyone, Electra, and Taygeta are at such a
low amplitude that they would not be observed from the ground.
To resolve the individual frequencies, a significantly longer
time series is required. Although a list of frequencies is provided in
Table A5, there are frequencies more closely spaced than the formal
resolution of the time series, and consequently the Fourier com-
ponents are unreliable (Loumos & Deeming 1978). Unfortunately,
K2 will not return to the Pleiades during the remaining campaigns,
however, with its large amplitude, Merope is a suitable candidate for
observations by the BRITE-Constellation of nanosatellites (Weiss
et al. 2014).
4.6 Taygeta
Taygeta (19 Tauri, HR 1145, HD23338) is the sixth-brightest star
in the Pleiades (V = 4.30mag), and is of spectral type B6IV. Abt
et al. (1965) reported it to be a spectroscopic binary with a period
of 1313 d, however Pearce & Hill (1971) were unable to confirm
this companion with more data. Liu et al. (1991) found the radial
velocity to be variable. Several lunar occultation (Bartholdi et al.
1975; de Vegt &Gehlich 1976; Qian & Fan 1991) and speckle inter-
ferometry measurements (McAlister 1978; Hartkopf & McAlister
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1984; Mason et al. 1993) had found either weak or no evidence of a
companion. A faint companion was finally unambiguously detected
in lunar occultation measurements by Richichi et al. (1994).
McNamara (1985) found no evidence of photometric variabil-
ity in Taygeta, and Adelman (2001) found it to be amongst the least
variable stars observed by Hipparcos.
The K2 time series and amplitude spectrum of Taygeta are
shown in the sixth row of Fig. 6. The light curve shows low-
amplitude variability, consisting of several frequencies. The am-
plitude spectrum bears a striking resemblance to that of Electra,
albeit scaled to a lower frequency, with a frequency grouping in
the range 0.4–0.7 d−1, and another group in the range 1.2–1.4 d−1.
We attribute this variability to SPB pulsations, with combination
frequencies. A low-amplitude peak is also present at 19.9 d. A list
of the detected frequencies is provided in Table A6.
4.7 Pleione
Pleione (28 Tauri,HR 1180,HD23862), the seventh-brightestmem-
ber of the Pleiades (V = 5.19mag), has spectral type B8Vne. Since
first being identified as a Be star (A. C. Maury, reported by Picker-
ing 1889), Pleione has attracted a lot of attention due to its regular
transitions between Be and shell star phases (e.g. Frost 1906; Gul-
liver 1977; Goraya et al. 1990). Pleione cycles between its Be and
shell phases with a period of 34.5 yr. The most recent transitions
have been from shell to Be in 1988 (Sharov & Lyutyj 1988), and Be
to shell in 2006 (Tanaka et al. 2007). Hummel (1998) suggested that
such transitions are due to the precession of the disc, likely under
the influence of a misaligned binary orbit. Polarimetric observa-
tions of Pleione by Hirata (2007) found the intrinsic polarization
angle varied from 60◦ to 130◦ between 1974 and 2003, providing
evidence of changes in the disc axis.
Pleione has been monitored for radial velocity variations for
many years (Struve & Swings 1943; Merrill 1952; Ballereau et al.
1988; Katahira et al. 1996), which has revealed it to be a multiple
system. The nearest companion has a low mass and has an orbital
period of 218 d (Nemravová et al. 2010), and it has been suggested
this is the source of the precession of the disc (Hirata 2007). The
next furthest out has a period of ∼35 years, which is commensurate
with the shell–Be transition period, leading to it also being associ-
ated with this process (Harmanec 1982; Luthardt & Menchenkova
1994). This companion is identified as being CHARA 125, which
was detected using speckle interferometry (McAlister et al. 1989;
Mason et al. 1993) with a separation of 0.23 arcsec. That it is not al-
ways detected in speckle measurements suggests a large magnitude
difference of ∆V ∼ 3.5mag. Gies et al. (1990) measured the extent
of Pleione’s circumstellar envelope by observing the Hα emission
line during a lunar occultation and found the envelope to be asym-
metric, which they proposed could be due to the presence of this
speckle binary companion.
The transition between Be and shell phases is accompanied by
photometric variability (Calder 1937; Binnendijk 1949; Sharov &
Lyuty 1976; Tanaka et al. 2007). Shorter time-scale variability was
detected by McNamara (1987), who identified a primary frequency
at either 1.21 or 2.21 d−1, with a second frequency at 1.18 d−1.
The K2 time series and amplitude spectrum are shown in the
lowest panel of Fig. 6. The variability bears a strong resemblance
to that of Merope, with a large amplitude and closely spaced fre-
quencies at ∼1.7 d−1. Other frequencies present at 0.41, 0.82 and
1.34 d−1 are those of nearby Atlas, which contaminates the light
curve. A low-amplitude peak is also present at 7.46 d−1. There is no
evidence of power at the frequencies reported byMcNamara (1987).
It may be the case that the variability has changed in the intervening
years, during which Pleione has gone through a Be period. Varia-
tions in frequency and amplitude have been previously seen in Be
stars (Huat et al. 2009). However, the frequencies present in the K2
data are precisely 0.5 d−1 between the possible primary frequencies
reported by McNamara (1987); with a particularly diabolical spec-
tral window, the frequencies found by McNamara (1987) may be
aliases of the true frequencies at 1.7 d−1. A peak at ∼1.7 d−1 can
be seen in the power spectrum of Pleione in figure 1 of McNamara
(1987).
As for Merope, there are several possible interpretations for
the observed variability. The variability may arise from the circum-
stellar disc, from rotational modulation, or from SPB pulsations.
We consider it most likely that the cause of the variability is
the same as what we have determined for Merope, namely SPB pul-
sations with several closely-spaced modes. Beating between these
modes may provide the additional angular momentum to eject ma-
terial into the circumstellar decretion disc, as was proposed as the
origin of the Be phenomenon by Rivinius et al. (1998). As is the
case for Merope, the high amplitude and small spacing between
modes are in contrast to what is observed in the oscillation spectra
of Alcyone, Electra, and Taygeta.
We are, however, unable to entirely rule out rotation as the
cause of Pleione’s variability through consideration of the critical
velocity. Using the estimated mass and radius listed in Table 1,
we find a critical rotational frequency of 1.62±0.10 d−1, which is
commensurate with detected frequencies. If the variability is caused
by rotation, then Pleione is rotating very close to its critical velocity.
We have calculated the inclination angle this would imply, as we
have done for Alcyone and Maia, finding i = 53 ± 5◦; the posterior
probability distribution is shown in Fig. 8.
While a list of indicative frequencies is provided in Table A7,
a longer time series is required to properly resolve individual fre-
quencies and provide a fuller understanding of Pleione’s variability.
Of particular interest would be to investigate how the variability
may change over the course of the shell–Be cycle. Fortunately, this
variability has a large amplitude, making Pleione a suitable candi-
date for observations by the BRITE-Constellation of nanosatellites
(Weiss et al. 2014).
5 SOURCE CODE
We are committed to open science, and have made the software
presented in this paper available open-source. The main halo algo-
rithm, halophot, is available at https://github.com/hvidy/
halophot. We invite interested users to apply this to other data and
contribute to its ongoing development. The Jupyter notebook used
for estimating rotational inclinations with PyStanMCMC is avail-
able at https://github.com/benjaminpope/inclinations.
Finally, the k2sc algorithm used for finer corrections (Aigrain et al.
2016), is also available at https://github.com/OxES/k2sc. All
code is provided under a GPL v3 license.
All original light curves discussed in this paper will be made
available on the Mikulski Archive for Space Telescopes (MAST) as
High-Level Science Products, and through theKeplerAsteroseismic
Science Operations Centre (KASOC) database 5.
5 http://kaosc.phys.au.dk
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6 DISCUSSION AND CONCLUSIONS
We have presented a new method for simultaneous photometry and
systematics correction of saturated stars with K2, and used this
method to obtain the first high-precision space-based light curves
of the seven brightest stars in the Pleiades. Halo photometry dramat-
ically reduces the number of pixels required to observe bright stars;
using a 20 pixel radius masks, this is equivalent to approximately six
to twelve Kp=12mag stars. Good precision can be achieved using
masks as small as 12 pixels in radius. Halo photometry therefore
extends the dynamic range of K2 to include naked-eye stars, al-
lowing for the combined use of photometric time series with other
astronomical tools, including high-resolution spectroscopy, inter-
ferometry and polarimetry, to form a more complete understanding
of these stars and stellar systems.
The light curves of the bright Pleiades stars show a wide
range of variability. Low amplitude SPB pulsations and combina-
tion frequencies have been detected inAlcyone, Electra and Taygeta.
Pleione and Merope have high amplitude oscillations that may also
be due to SPB pulsations, however longer time series are necessary
to resolve individual modes; this may be achieved with the BRITE-
Constellation of nanosatellites (Weiss et al. 2014). In contrast, the
high amplitude oscillations of Atlas, which we believe are most
likely to originate from the primary component, are well-resolved.
The combination of pulsations and rotation at near-critical
velocity has been invoked to explain the production of circumstel-
lar decretion discs in Be stars (Rivinius et al. 1998, 2003; Huat
et al. 2009; Kee et al. 2014; Baade et al. 2016). It is interesting to
note, then, any differences in the pulsations seen in Be and normal
B stars. The beating between closely-spaced frequencies and high-
amplitude variability seen in the Be starsMerope and Pleione would
seem to be consistent with this hypothesis. The normal B star At-
las Aa1, although having high-amplitude pulsations and a projected
rotational velocity of 240 km s−1, does not show any beating be-
tween frequencies. The more-evolved Be stars Alcyone and Electra
have low-amplitude oscillation spectra that have more in common
with the normal B star, Taygeta. While Alcyone and Electra were
not observed to have large amplitudes now, other Be stars, such as
the CoRoT target HD49330 have exhibited g-modes that grow in
conjunction with an outburst (Huat et al. 2009). The reason why
Taygeta is not a Be star may be due to rotation; of the three, Taygeta
has the lowest projected rotational velocity. Whether the differences
in v sin i are due to intrinsic differences in rotation rates or the effect
of projection may be resolved by our ongoing campaign to measure
the angular diameters and the oblateness of these stars with the
CHARA Array.
For Maia we have combined the photometric time series with
high-resolution spectroscopy and interferometry to determine that
Maia is viewed equator-on, with variability due to large chemical
spots in the photosphere. With a 10 d period, we have conclusively
determined that Maia is not a so-called Maia variable. Now that
the variability of Maia has been detected and it is not on hour time
scales, further reference to Maia variables will become increasingly
confusing. For further studies that are conducted into hour-scale
variability in late B stars, we implore, for the sanity of future as-
tronomers, that at the very least they no longer be referred to as
Maia variables.
The halo photometry method is very general in its formulation
and applicability, and will therefore be also of interest in planning
for the Transiting Exoplanet Survey Satellite (TESS), which will
cover nearly the whole sky in a succession of 27 d pointings to
search for exoplanets transiting bright stars. TESS will provide full-
frame images at a 30min cadence, and postage stamps of individual
targets at 2min or 20 s cadence. AswithKepler andK2, competition
for this pixel allocation will place pressure on bright targets with
long bleed columns. In addition to this, detector nonlinearity is
expected to set in at ∼ 30 times the single-well depth. With minimal
saturation for V . 6.2–6.7mag depending on how the PSF lands on
the pixels, this would suggest that simple aperture photometry of
stars much brighter thanV ∼ 3–4mag will not be possible even with
apertures that capture the entire bleed column (Jon Jenkins&Roland
Vanderspek, priv. comm.). It will therefore be necessary to use
halo photometry for any TESS targets brighter than this magnitude,
or targets unfavourably close to the edge of the detector, and to
economize on pixel allocation. A valuable future step will be to
simulate the TESS PSF, saturation, and scattered light, to determine
the required halo masks both for asteroseismology and for transiting
exoplanet searches. The ability to observe very bright stars with
TESS raises the prospect of searching for planets transiting some of
the nearest main-sequence stars to the Solar System, which being
so bright, are the most suitable systems for transit spectroscopy.
In the particular case of B-type stars, there are two major
lines of enquiry that may be pursued with TESS: delineating the
borders of the instability strips and detailed seismic modelling. The
predicted locations of the instability strips rely on models for which
the input physics is still uncertain. Changes to the iron opacity, for
example, have been shown to shift the location of the instability
strips (e.g. Moravveji 2016). Observationally defining the borders
of the SPB instability strip requires the detection of at least two
independent frequencies inmanywell-characterized stars. This does
not require particularly long time series, and can be achieved for
stars observed by TESS for only 27 d, as well as those observed
from the ground and with K2. Detailed asteroseismic modelling,
however, requires well-resolved frequencies, which for SPB stars
requires long time series. Kepler observations of SPB stars have
enabled constraints on mixing due to convective-core overshooting
(Pápics et al. 2014) and diffusion (Moravveji et al. 2015), as well
an inversion of the internal rotational profile of a star (Triana et al.
2015). Such work can be continued by TESS for stars that are within
the continuous viewing zone, and will subsequently be observed for
a full year. Halo photometry will allow for these observations to be
made for the brightest B stars that will be observed by TESS.
It may be important to consider the halo method in the context
of other upcoming ground-based and space-based photometry mis-
sions, such as PLATO (PLAnetary Transits andOscillations of stars;
Rauer et al. 2014), JWST (James Webb Space Telescope; Gardner
et al. 2006; Beichman et al. 2014), NGTS (the Next Generation
Transit Survey; Chazelas et al. 2012), or CHEOPS (CHaracterising
ExOPlanets Satellite; Fortier et al. 2014). In each of these cases,
it may be possible to enhance the photometry of a defocused PSF
with or without saturation, for asteroseismology or exoplanetary
science. In this regime, TV minimization, or a similar algorithm,
may improve the performance of any such instrument spreading
astrophysical signal over many different pixel realizations. We note
that we do not yet have a consistent explanation of why TV, as op-
posed to relatives such as QV, is so much more effective, and that
there may be new insights to be gained from theoretical studies,
that may expose limitations on the method or reveal improvements.
We encourage other groups to refine the halo method and consider
the applicability of Total Variation more generally in time-series
analysis.
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APPENDIX A: FREQUENCY ANALYSIS
The frequencies present in the time series of each star were deter-
mined by a standard prewhitening procedure as described by (Pápics
et al. 2017) down to a signal-to-noise ratio (SNR) of four. The
SNR was calculated in a 3-d−1 wide window during prewhitening.
The extracted frequencies, amplitudes and phases are given in Ta-
bles A1 to A7. While these frequencies have not been corrected for
stellar line-of-sight Doppler velocity shifts as advocated by Davies
et al. (2014), the radial velocities of these stars are only 5–8 km s−1,
so the differences are negligible. The zero-point of the time-scale
for the phases is BJD 2454833.
The frequency resolution of each time series (the Rayleigh
limit) is 1/T = 0.014d−1, where T is the length of the time series.
Frequencies that were found within the Rayleigh limit of a higher
SNR peak have been excluded. We further note that several of the
remaining frequencies are within the Loumos & Deeming (1978)
criterion of 1.5× the Rayleigh limit, which means their Fourier pa-
rameters will have been affected by the prewhitening procedure.
Low-amplitude, low-frequency peaks that may be an artifact of the
long-term trend removal have also been excluded. Possible combi-
nation frequencies have been indicated, although it is not possible
to be sure of the correct identification given the closely-spaced fre-
quencies and limited resolution, and the base frequencies may not
necessarily have the highest amplitudes (see Kurtz et al. 2015).
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Table A1. Fourier parameters of the Alcyone time series
ID Frequency Amplitude Phase SNR
(d−1) (ppm) (rad)
ν1 ∼ ν4 − ν3 0.1482±0.0009 63±7 2.2±0.7 7.6
ν2 0.4215±0.0009 49±6 0.9±0.7 7.1
ν3 0.4360±0.0004 151±8 −2.9±0.3 17.5
ν4 0.5798±0.0014 18±3 −2.4±1.1 4.0
ν5 0.7452±0.0013 25±4 −0.5±1.0 5.0
ν6 0.7922±0.0012 36±5 −0.5±0.9 6.6
ν7 0.8084±0.0012 28±4 −1.0±1.0 5.2
ν8 0.8266±0.0012 24±7 −0.2±1.0 4.5
ν9 ∼ 2ν3 0.8729±0.0011 35±5 0.8±0.9 5.8
ν10 ∼ 3ν3 1.3051±0.0017 14±3 −2.5±1.4 4.2
ν11 ∼ 2ν8 1.6480±0.0019 18±4 −1.8±1.5 4.9
ν12 ∼ ν6 + ν9 1.6648±0.0011 34±5 −1.8±0.9 5.5
ν13 ∼ 4ν2 1.6871±0.0013 38±6 0.7±1.0 6.9
ν14 ∼ 4ν3 1.7483±0.0019 13±3 −0.2±1.6 4.1
ν15 3.453±0.003 7±3 −3.0±2.6 4.2
ν16 23.731±0.005 5±4 1.3±4.3 4.4
Table A2. Fourier parameters of the Atlas time series
ID Frequency Amplitude Phase SNR
(d−1) (ppm) (rad)
ν1 0.4119±0.0005 2110±130 −1.0±0.4 23.2
ν2 = ν6 − 2ν1 0.5092±0.0008 68±7 −2.5±0.7 6.4
ν3 0.7627±0.0008 143±16 −2.4±0.7 9.4
ν4 = 2ν1 0.8237±0.0001 1128±18 0.6±0.1 30.3
ν5 = 3ν1 1.2365±0.0009 80±9 2.2±0.7 6.8
ν6 1.3406±0.0005 1500±100 −1.5±0.4 25.5
ν7 = 2ν3 1.5252±0.0013 43±7 0.6±1.0 4.2
ν8 = 4ν1 1.6504±0.0015 36±7 −0.5±1.2 4.3
ν9 = 2ν6 2.6827±0.0016 62±13 0.5±1.3 8.0
Table A3. Fourier parameters of the Electra time series
ID Frequency Amplitude Phase SNR
(d−1) (ppm) (rad)
ν1 0.8584±0.0009 38±4 2.0±0.7 6.6
ν2 0.9031±0.0006 58±4 0.4±0.5 10.0
ν3 0.9632±0.0013 17±3 0.2±1.0 3.9
ν4 ∼ 2ν2 1.7986±0.0011 24±4 −1.5±0.9 5.2
ν5 ∼ 2ν3 1.9183±0.0013 18±3 −2.2±1.0 4.2
ν6 ∼ 2ν3 1.9377±0.0010 32±4 −1.9±0.8 5.6
ν7 ∼ ν2 + 2ν3 − ν1 1.9842±0.0013 19±3 −2.0±1.0 4.5
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Table A4. Fourier parameters of the Maia time series
ID Frequency Amplitude Phase SNR
(d−1) (ppm) (rad)
ν1 0.0972±0.0002 1300±40 −0.79±0.17 34.0
Table A5. Fourier parameters of the Merope time series
ID Frequency Amplitude Phase SNR
(d−1) (ppm) (rad)
ν1 0.9082±0.0012 76±11 −0.7±0.9 5.7
ν2 2.0132±0.0007 166±14 −3.1±0.5 8.5
ν3 2.0263±0.0004 323±18 2.0±0.3 11.9
ν4 2.0487±0.0004 2030±100 2.0±0.3 23.7
ν5 2.0721±0.0006 204±16 0.2±0.5 10.2
ν6 2.0855±0.0010 92±12 0.5±0.8 5.9
ν7 ∼ 2ν4 4.0834±0.0007 264±23 −2.4±0.5 15.2
ν8 ∼ 3ν4 6.1300±0.0015 76±14 0.7±1.2 9.2
Table A6. Fourier parameters of the Taygeta time series
ID Frequency Amplitude Phase SNR
(d−1) (ppm) (rad)
ν1 0.4038±0.0013 35±6 −1.6±1.1 4.2
ν2 0.4184±0.0009 91±10 −1.4±0.7 7.8
ν3 0.4449±0.0008 115±12 1.9±0.6 9.1
ν4 0.4795±0.0012 40±6 −1.1±1.0 4.3
ν5 0.5577±0.0011 61±8 −2.9±0.9 5.6
ν6 0.6384±0.0007 147±14 2.9±0.6 10.3
ν7 0.7618±0.0014 35±6 −2.7±1.1 4.2
ν8 ∼ ν5 + ν6 1.1952±0.0014 52±9 1.0±1.1 5.5
ν9 ∼ 3ν6 − ν5 1.3557±0.0010 90±11 0.5±0.8 7.4
ν10 19.8724±0.0042 12±7 −1.5±3.4 4.4
Table A7. Fourier parameters of the Pleione time series
ID Frequency Amplitude Phase SNR
(d−1) (ppm) (rad)
ν1 0.3200±0.0014 190±30 1.8± 1.1 4.6
ν2 0.7352±0.0014 170±30 −0.8± 1.2 4.1
ν3 1.7101±0.0012 250±40 −1.8± 1.0 5.0
ν4 1.7324±0.0008 520±50 −0.3± 0.6 10.9
ν5 1.7605±0.0004 1160±60 2.3± 0.3 18.4
ν6 7.4599±0.0053 50±40 0.0± 4.2 4.5
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